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the short dynamical time at the solar radius (about 1 per cent of
the Hubble time). This results in very efficient mixing of unbound
material and the stripping of all initially bound objects to a small
fraction of the maximum mass they may have had in the past (see
Vogelsberger et al. 2008, for a discussion of these processes). Note
that the actual density of DM in the solar neighbourhood and the
shape of the equidensity surfaces of the Milky Way’s DM distri-
bution will depend on how the gravitational effects of the baryonic
components have modified structure during the system’s formation.
Unfortunately, the shape of the inner DM halo of the Milky Way
is poorly constrained observationally (Helmi 2004; Law, Johnston
& Majewski 2005). The dissipative contraction of the visible com-
ponents probably increased the density of the DM component and
made it more axisymmetric (e.g. Gnedin et al. 2004; Kazantzidis
et al. 2004) but these processes are unlikely to affect the level of
small-scale structure. The very smooth behaviour we find in our
pure DM haloes should apply also to the more complex real Milky
Way.

4 V E L O C I T Y D I S T R I BU T I O N S

The velocity distribution of DM particles near the Sun is also an
important factor influencing the signal expected in direct detection
experiments. As mentioned in the Introduction, most previous work
has assumed this distribution to be smooth, and either Maxwellian
or multivariate Gaussian. Very different distributions are possible
in principle. For example, if the local density distribution is a su-
perposition of a relatively small number of DM streams, the local
velocity distribution would be effectively discrete with all particles
in a given stream sharing the same velocity (Sikivie, Tkachev &
Wang 1995; Stiff, Widrow & Frieman 2001; Stiff & Widrow 2003).
Clearly, it is important to understand whether such a distribution
is indeed expected, and whether a significant fraction of the local
mass density could be part of any individual stream.

We address this issue by dividing the inner regions of each of our
haloes into cubic boxes 2 kpc on a side, and focusing on those boxes
centred between 7 < r < 9 kpc from halo centre. In Aq-A-1, each
2 kpc box contains 104 to 105 particles, while in the level-2 haloes
they contain an order of magnitude fewer. For every box, we cal-
culate a velocity dispersion tensor and study the distribution of the
velocity components along its principal axes. In almost all boxes,
these axes are closely aligned with those the ellipsoidal equidensity
contours discussed in the last section. We also study the distribution
of the modulus of the velocity vector within each box. The upper
four panels of Fig. 2 show these distributions of a typical 2 kpc
box at the solar circle in Aq-A-1 (solid red lines). Here, and in the
following plots, we normalize distributions to have unit integral.
The black dashed lines in each panel show a multivariate Gaussian
distribution with the same mean and dispersion along each of the
principal axes. The difference between the two distributions in each
panel is plotted separately just above it. This particular box is quite
typical, in that we almost always find the velocity distribution to
be significantly anisotropic, with a major axis velocity distribution
which is platykurtic, and distributions of the other two components
which are leptokurtic. Thus, the velocity distribution differs signifi-
cantly from Maxwellian, or even from a multivariate Gaussian. The
individual velocity components have very smooth distributions with
no sign of spikes due to individual streams. This also is a feature
which is common to almost all our 2 kpc boxes. It is thus surprising
that the distribution of the velocity modulus shows clear features
in the form of bumps and dips with amplitudes of several tens of
per cent.
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Figure 2. Top four panels: velocity distributions in a 2 kpc box at the
solar circle for halo Aq-A-1. v1, v2 and v3 are the velocity components
parallel to the major, intermediate and minor axes of the velocity ellipsoid;
v is the modulus of the velocity vector. Red lines show the histograms
measured directly from the simulation, while black dashed lines show a
multivariate Gaussian model fit to the individual component distributions.
Residuals from this model are shown in the upper part of each panel. The
major axis velocity distribution is clearly platykurtic, whereas the other
two distributions are leptokurtic. All three are very smooth, showing no
evidence for spikes due to individual streams. In contrast, the distribution
of the velocity modulus, shown in the upper left-hand panel, shows broad
bumps and dips with amplitudes of up to 10 per cent of the distribution
maximum. Lower panel: velocity modulus distributions for all 2 kpc boxes
centred between 7 and 9 kpc from the centre of Aq-A-1. At each velocity,
a thick red line gives the median of all the measured distributions, while a
dashed black line gives the median of all the fitted multivariate Gaussians.
The dark and light blue contours enclose 68 and 95 per cent of all the
measured distributions at each velocity. The bumps seen in the distribution
for a single box are clearly present with similar amplitude in all boxes, and
so also in the median curve. The bin size is 5 km s−1 in all plots.
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Figure 9. The cumulative halo mass function in eight simula-
tions of an HDM universe. Seven of these start from the same re-
alisation of the HDM density fluctuation field within a 100Mpc/h
box, but use different initial particle loads. One follows evolution
within a 200Mpc/h box in order to better constrain the high mass
end of the mass function. Simulations starting from a glass initial
load are indicated by solid lines, while those starting from a grid
are indicated by dashed lines. The number of particles in each
simulation is indicated by labels in the upper panel. The dotted
line in this panel is an approximate power-law fit to the low-mass
end of the mass function, and the lower panel replots the mass
functions relative to this power law in order to emphasise the up-
turn due to discreteness effects. Dashed vertical lines separated
by factors of two provide a rough indication of the scale where
spurious halos start to dominate in the various cases. The haloes
here were identified using an FOF algorithm with b = 0.2 (Davis
et al 1985).

somewhat larger masses in the glass case than in the grid
case. Notice also that the upturn for the N = 2563 glass
simulation in a 200h−1Mpc box agrees very well with that
for the N = 1283 glass simulation in a 100h−1Mpc box. This
confirms that it is the mean interparticle separation which
sets the mass scale, rather than properties of the simulation
code or of the particular HDM realisation simulated.

If we take the effective lower resolution limit of our
HDM simulations to be given by the dashed vertical lines
in the lower panel of Fig. 9, we find that it can be expressed
as Mlim = 10.1 × ρ̄ d k−2

peak, where ρ̄ is the mean density of
the universe, kpeak is the wavenumber at the maximum of
∆2(k), the dimensionless power per ln k in the linear initial
conditions, d = N−1/3L is the mean interparticle separation,
N is the number of simulation particles, and L is the side
of the computational box. For our HDM initial conditions
kpeak = 4.2×λ−1

fs = 0.1×(mν/30eV )Mpc−1. The coefficient
in our expression for Mlim is estimated directly from our
HDM results. It may depend significantly on the shape of
the primordial power spectrum and so need modification for
WDM initial conditions. The scaling Mlim ∝ N−1/3 should
still hold in this case, however. Comparing our formula
without modification to the numerical results of Bode et al.

(2001) using kpeak = 2.3 and 1.1 Mpc−1, as appropriate
for their two WDM models, gives Mlim = 3 × 1010 and
1.2× 1011h−1M". These values agree well with the upturns
in the mass functions which they plot in their Fig. 9. Thus
with a parametrisation based on the wavenumber at the
peak of ∆2(k), the dependence on the overall shape of the
power spectrum appears to be weak.

This effective resolution limit is unfortunate news for
simulations of HDM and WDM universes. In our high-
est resolution HDM model, for example, the N = 5123

glass simulation of a 100Mpc/h box, the resolution limit is
Mlim = 8.8 × 1012h−1M", which corresponds to a clump of
4300 simulation particles. Thus only halos with 5000 parti-
cles or more can be considered reliable. This is two or three
orders of magnitude below the masses of typical big halos in
the simulation. Contrast this with simulations of CDM uni-
verses where the positions, velocities and masses of haloes
are reasonably well reproduced even for objects with about
100 simulation particles, giving a logarithmic dynamic range
which is about twice as large. Furthermore the effective dy-
namic range in halo mass increases in proportion to N for
CDM simulations, but only in proportion to N1/3 in HDM
or WDM simulations.

These results are interesting for the question of whether
WDM models can reproduce the observed properties of
dwarf satellite galaxies in the Milky Way. Available kine-
matic data for dwarf spheroidals suggest that they are sit-
ting in dark matter halos with maximum circular velocities
of order 30 km/s (e.g. Stoehr et al. 2002; Kazantzidis et al.
2004) corresponding to masses (for an isolated object) of
about 1010M". After discounting the spurious low-mass ha-
los, the mass functions shown in Fig. 9 of Bode et al. (2001)
demonstrate that halos of such small mass are not expected
for a WDM particle mass of 175 eV and are still strongly
suppressed relative to ΛCDM for a mass of 350 eV. We in-
fer that WDM particle masses well in excess of 500 eV will
be necessary to produce “Milky Way” halos with sufficient
substructure to host the observed satellites. This is, however,
less stringent by a factor of several than constraints based
on structure in the Lyman α forest (e.g. Viel et al. 2006).
It will be interesting to carry out simulations of sufficient
resolution to test whether the internal structure of subhalos
in a WDM universe is consistent with that inferred for the
halos of Milky Way dwarfs. The resolution limitations we
have explored in this paper imply that, although possible,
this will be a major computational challenge.
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Figure 2. Evolution of the dark matter density profile over the 2
Gyr of evolution for the control run with adiabatic (no cooling and
no star formation) hydrodynamics. We see that the dark matter
halo and the hydrostatic gas halo are both perfectly stable over
the whole simulation.

Figure 3. Evolution of the dark matter density profile over the
2 Gyr of evolution for the control run with cooling, star forma-
tion but no feedback. The dark matter halo has been strongly
adiabatically contracted.

We also see the formation of a massive bulge in the cen-
tre of the galaxy, leading to an overall highly concentrated
baryons distribution. The associated SF history can be seen
on Figure 5: it is on average very high, around 1 M!/yr,
with short bursts reaching 4 to 6 M!/yr, associated to the
formation of dense gas clumps. Such a high SF rate is usu-
ally associated to massive galaxies at low redshift. This is
quite unrealistic for dwarf galaxies we see today (Hopkins
et al. 2002). The effect of this strongly dissipative evolution
on the dark matter profile can be seen on Figure 3. After

Figure 4. Evolution of the dark matter density profile over the 2
Gyr of evolution for the control run with cooling, star formation
and stellar feedback. We see the formation of a large core. We
also show for comparison the analytical fit (dashed line) based on
a pseudo-isothermal profile (see text for details)

1 Gyr, the dark matter distribution has been adiabatically
contracted very significantly by baryons. The inner slope of
the dark matter density profile is close to -2, and no core is
visible. It is worth mentioning that although we have a very
clumpy structure in the ISM and in the stellar distribution,
it does not trigger the formation of a dark matter core in our
case: the mechanism proposed by Mashchenko et al. (2006)
(see also El-Zant et al. 2001) does not work here, probably
because our clumps are not massive enough.

We now move to our final run with gas cooling, SF and
stellar feedback. The evolution of the star forming disk is
dramatically different from the “no feedback” run. We see
in Figure 1 that the final gas distribution shows a very thick,
turbulent disk, with strong outflows made of shredded clouds
and filaments. The face-on view reveals that many gas clouds
form in the outskirts of the disk, while the central region has
been evacuated by stellar feedback, giving rise to the wind.
The temperature map illustrates nicely the hot gas in the
wind, segregating from the cold gas in the ISM. Star for-
mation still proceeds within dense clouds, but these are not
long-lived anymore. This is why we don’t see any massive
star clusters in the stellar surface density map. Only a few
managed to survive. This is one of the key qualitative fea-
tures of our stellar feedback implementation: gravitational
instability and shock compression trigger the formation of
star forming clouds, which are then quickly disrupted by
stellar feedback, recycling the unused gas into the ISM and
giving rise to the galactic wind.

The SF rate plotted in Figure 5 is one order of mag-
nitude lower in average than the “no feedback” case. It ex-
hibits strong bursts followed by quiescent phases. When gas
cools down and sinks towards the central region, SF rises
sharply and triggers a starburst. Stellar feedback then re-
moves the gas into the hot wind, leaving the central kpc
almost devoid of gas. This explains the very low star forma-
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Figure 3. Star formation history in the runs without (left plot) and with (right plot) feedback.

hydrostatic equilibrium halo. We checked that our initial set-
up was indeed stable over 2 Gyr time, as it should be since
no gas cooling was considered in this case (see Fig. 1). We
would like to stress that this is a very important step in our
methodology, since it demonstrates that any evolution in the
dark matter density profile has to be related to the dissipa-
tive nature of baryons, through gas cooling, star formation
or feedback. The second simulation was run with (metal de-
pendent) gas cooling and star formation. No stellar feedback
was included. In this case, the gas loses pressure support and
rains down towards the centre of the halo, quickly reaching
the centrifugal barrier and sets up into a centrifugally sup-
ported disc. As one can see in Figure 2, the final disk is very
thin and fragments into dense gas clumps that form stars ac-
tively. This gives rise to the formation of dense bound star
clusters that survive for long times. We also see the forma-
tion of a massive bulge in the centre of the galaxy, leading to
an overall highly concentrated baryons distribution. The as-
sociated SF history can be seen on Figure 3: it is on average
very high, around 1 M⊙/yr, with short bursts reaching 4 to
6 M⊙/yr, associated to the formation of dense gas clumps.
Such a high SF rate is usually associated to massive galaxies
at low redshift. This is quite unrealistic for dwarf galaxies we
see today (Hopkins et al. 2002). The effect of this strongly
dissipative evolution on the dark matter profile can be seen
on Figure 4. After 1 Gyr, the dark matter distribution has
been adiabatically contracted very significantly by baryons.
The inner slope of the dark matter density profile is close
to -2, and no core is visible. It is worth mentioning that al-
though we have a very clumpy structure in the ISM and in
the stellar distribution, it does not trigger the formation of

a dark matter core in our case: the mechanism proposed by
Mashchenko et al. (2006) (see also El-Zant et al. 2001) does
not work here, probably because our clumps are not massive
enough.

We now move to our final run with gas cooling, SF and
stellar feedback. The evolution of the star forming disk is
dramatically different from the “no feedback” run. We see
in Figure 2 that the final gas distribution shows a very thick,
turbulent disk, with strong outflows made of shredded clouds
and filaments. The face-on view reveals that many gas clouds
form in the outskirts of the disk, while the central region has
been evacuated by stellar feedback, giving rise to the wind.
The temperature map illustrates nicely the hot gas in the
wind, segregating from the cold gas in the ISM. Star for-
mation still proceeds within dense clouds, but these are not
long-lived anymore. This is why we don’t see any massive
star clusters in the stellar surface density map. Only a few
managed to survive. This is one of the key qualitative fea-
tures of our stellar feedback implementation: gravitational
instability and shock compression trigger the formation of
star forming clouds, which are then quickly disrupted by
stellar feedback, recycling the unused gas into the ISM and
giving rise to the galactic wind.

The SF rate plotted in Figure 3 is one order of mag-
nitude lower in average than the “no feedback” case. It ex-
hibits strong bursts followed by quiescent phases. When gas
cools down and sinks towards the central region, SF rises
sharply and triggers a starburst. Stellar feedback then re-
moves the gas into the hot wind, leaving the central kpc
almost devoid of gas. This explains the very low star forma-
tion episodes. Gas then rains back down from the corona and
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tures of our stellar feedback implementation: gravitational
instability and shock compression trigger the formation of
star forming clouds, which are then quickly disrupted by
stellar feedback, recycling the unused gas into the ISM and
giving rise to the galactic wind.

The SF rate plotted in Figure 3 is one order of mag-
nitude lower in average than the “no feedback” case. It ex-
hibits strong bursts followed by quiescent phases. When gas
cools down and sinks towards the central region, SF rises
sharply and triggers a starburst. Stellar feedback then re-
moves the gas into the hot wind, leaving the central kpc
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Figure 9. Kinematic analysis of our dwarf galaxy without feed-
back: circular velocities (black solid line), stellar tangential ve-
locity (red solid line) and stellar tangential velocity dispersion
(green solid line), compared to the gas tangential velocity (red
dotted line) and gas tangential velocity dispersion (green dotted
line).

kinematic properties, namely the Asymmetric Drift (AD)
model. This method, based on the Jeans equation, follows
a few reasonable simplifying assumptions to derive the rela-
tion between the circular velocity and the velocity moments.
Following Hinz et al. (2001) and Leaman et al. (2012), we
used v

2
circ = v

2
θ + σ2

θ (2r/Rd − 1) with Rd � 1.1 kpc, as
measured in our simulation. We see in Figure 10 that AD
is overall a good approximation to recover the underlying
mass profile, except perhaps in the very center where it is
underestimated. The total mass inferred from this analysis
by Leaman et al. (2012) for WLM, Mtot � 2 × 1010 M⊙
is therefore accurate, and again very close to our simulated
halo mass.

Although our spatial and kinematic properties are in
striking agreement with the relatively isolated dwarf WLM,
the total stellar mass that we obtained in our simulation
is too large by one order of magnitude. We have plotted
in Figure 11 the cumulative stellar mass profile in spheri-
cal shells. One sees clearly that without feedback, almost all
baryons are converted into stars after 1 Gyr, since we get
M∗ � 109 M⊙. With our strong stellar feedback model, we
managed to reduce this number by one order of magnitude,
down to M∗ � 108 M⊙. This is quite an achievement, but it
falls short by one order of magnitude to explain the stellar

Figure 10. Kinematic analysis in the feedback case: circular ve-
locities (black solid line), stellar tangential velocity (red solid line)
and stellar tangential velocity dispersion (green solid line), com-
pared to the gas tangential velocity (red dotted line) and gas
tangential velocity dispersion (green dotted line). Also shown as
the blue solid line is the predicted circular velocity curve based
on the Asymmetric Drift (AD) approximation.

mass observed in WLM, which has been measured by Jack-
son et al. (2007) to be M∗ � 1.1×107 M⊙. We are therefore
overproducing stars to a level comparable to most current
galaxy formation simulations (Piontek & Steinmetz 2009;
Governato et al. 2010; Agertz et al. 2011), when compared
to individual galaxies or to an ensemble of galaxies using
the abundance matching technique (Guo et al. 2010; Moster
et al. 2010), although recently Munshi et al. (2012) argue
differently. Although solving this issue is beyond the scope
of the present paper, we have a conceptually simple way to
solve this problem, by lowering the star formation efficiency
parameter �∗ by one order of magnitude, and in the same
time, increasing the mass fraction of massive star going su-
pernovae by also one order of magnitude. The first idea could
be justified by the low metallicity we find in dwarf galaxies,
leading to a inefficient regime of star formation, for which
dust shielding is less efficient at promoting H2 molecule for-
mation (Krumholz & Dekel 2011). The second idea could be
justified by recent observations of low metallicity star clus-
ters in the Galaxy, which are consistent with a top-heavy
IMF (Marks et al. 2012). Using these two non-standard but
plausible ingredients, we will straightforwardly obtain the
same energy input from supernovae, and therefore the same

c� 0000 RAS, MNRAS 000, 000–000
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Fraction of stellar mass in galaxies with continuous SFH
Fraction of SFR density  in galaxies with continuous SFH
Fraction of SFR density in galaxies undergoing current starburst 

Figure 3. The black curve shows the fraction of the total inte-
grated stellar mass in galaxies that resides in galaxies that are
well-fit by continuous models. The blue curve shows the frac-
tion of the total integrated star formation rate density in galaxies
with continuous star formation histories. The cyan curve shows
the fraction of the total integrated star formation rate density in
galaxies currently undergoing a starburst.

from 0.05 at the low mass end to 0.7 at the high mass end.
The cyan curve shows the fraction of the total integrated
star formation rate density in galaxies currently undergoing
a starburst. According to Heckman et al (1997a), at least
25% of the high-mass star-formation in the local universe
occurs in starbursts, a number that agrees well with our
results at M∗ = 1010.25M". We note that the difference
between unity and the sum of the blue and cyan curves
corresponds to the fraction of the integrated SFR density in
galaxies that are best fit by models with past bursts. This
generally lies in the range 0.1-0.2.

3.2 Burst mass fractions

In Figure 4, we plot distributions of burst mass fractions for
the population of galaxies currently undergoing starbursts.
The burst mass fraction is defined as the stellar mass formed
in the burst divided by the total stellar mass of the galaxy.
Results are shown in 9 different mass ranges from 8.0 to
10.25 in log M∗. As can be seen, there is a significant tail
of low mass galaxies with burst mass fractions larger than
0.3 for the lowest mass bins. The tail of galaxies with large
burst mass fractions disappears progressively towards higher
stellar masses. For galaxies with stellar masses ∼ 1010M",
the burst mass fraction is typically around 0.05-0.1. The red
dotted histograms in each panel shows the distribution of
the relative errors on Fburst, i.e. the error scaled by dividing
by the actual estimate. As can be seen, burst mass fractions
can be recovered with a typical accuracies of between 25
and 60% (i.e. significantly better than a factor of two). The
error distribution does not change significantly as a function
of stellar mass, indicating that the trend in the tail of strong

Figure 4. Histograms (in black) of the distribution of the loga-
rithm of the burst mass fraction. Results are shown in 9 different
mass ranges from 8.0 to 10.25 in log M∗. The red dotted his-
tograms in each panel show the distribution of the relative error
on Fburst.

starbursts is not an artifact of increasing errors at low stellar
masses.

3.3 Half mass formation times

In Figure 5, we plot distributions of half-mass formation
times for all galaxies in the same 9 stellar mass ranges. Inter-
estingly, in the lowest mass bin where the fraction of galaxies
experiencing ongoing starbursts is highest, the distribution
of half-mass formation times is very broad, ranging from
10 Gyr to less than 1 Gyr. In the intermediate mass bins,
the distribution is narrower, ranging from 7 to 3 Gyr. In
the highest mass bins, a tail of galaxies with large (∼ 10
Gyr) formation times again appears. These results should
be compared to the distribution of 4000 Å break strength
shown in Figure 2 of Kauffmann et al (2003b). This plot
shows a monotonic increase as a function of stellar mass,
with a secondary tail of large Dn(4000) galaxies appearing
at the same stellar mass where we see the large half-mass
formation time tail appear for the second time.

These results may appear puzzling at first sight, but
we remind the reader that a one-to-one mapping between
4000 Å break strength and half mass formation time only
exists if the underlying star formation history is continuous.
If star formation is bursty, Dn(4000) alone cannot be used
to infer formation time. The dotted red histograms in each
panel show the distribution of 1σ errors on the formation
time, which are in the range 0.5-2.5 Gyr. Once again the
error distributions do not vary significantly as a function of
stellar mass, indicating that the greater spread at low stellar
masses is a real effect.
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‘WLM’ dwarf galaxy

Leaman et al. 2012

24 Leaman et al.

Fig. 11.— Raw stellar rotational velocity (top), along with the optimal derotation achieved through a single fit through the major axis
velocity profile of WLM. Third panel shows velocity dispersion profile before (blue circles) and after rotation is subtracted - with the
artificial enhancement of σv at large radii removed in the latter case. Bottom panel shows ratio of rotational to pressure support, with
dashed line showing the expected value for an oblate galaxy flattened by isotropic rotation to the ellipticity of WLM.
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4 Zolotov et al.

TABLE 1
Satellite Properties

Satellite ID MV MHI [M!] MHI [M!] zinfall
z = 0 z = 0 zinfall
(1) (2) (3) (4)

h258, sat1 −13.7 3.5e5 1.5e7 0.6
h258, sat2 −12.8 3.4e5 8.9e6 0.9
h258, sat3 −12.6 737.5a 6.5e6 2.1
h258, sat4 −13.3 0. 3.4e6 1.3
h258, sat5 −13.0 0. 5.7e7 2.1
h258, sat6 −11.3 1.2e5 2.6e6 1.0
h258, sat7 −12.1 0. 9.1e5 1.2
h258, sat8 −9.0 0. 0 1.5
h258, sat9 −9.9 0. 2.2e5 1.8
h258, sat10 −8.8 0. 0 1.3
h258, sat11 −10.7 0. 1.4e6 1.0
h258, sat12 −9.5 0. 5.4e4 2.1
h258, sat13 −10.1 0. 7.3e3 1.2

h277, sat1 −14.7 3.2e7 2.2e7 0.02
h277, sat2 −13.9 3.8e7 3.7e7 0.2
h277, sat3 −14.3 5.1e6 3.8e7 1.5
h277, sat4 −13.4 1.3e6 3.0e6 0.9
h277, sat5 −10.4 0. 0 1.4
h277, sat6 −10.6 0. 9.0e6 1.6
h277, sat7 −9.9 0. 1.4e5 1.6

Note. — Column (1) V -band magnitude, calculated based
on the age and metallicity of the star particles and adopt-
ing the Starburst99 stellar population synthesis models of
Leitherer et al. (1999) and Vázquez & Leitherer (2005) for a
Kroupa IMF (Kroupa 2001). Column (2) is the mass in HI gas
in the satellite at z=0. Column (3) is the mass in HI gas in
the satellite at infall. The redshift of infall is listed in column
(4).
a Given the radial distance of this object from the center of
the main halo that it orbits, this mass of HI would remain
undetected by current HI observations. We therefore consider
it a dSph analog.

We first find all of the subhalos that are within the z =0
virial radii of the two primary halos described above. We
then reduce that list to only those subhalos that are lu-
minous, with a minimum of 10 star particles. This list
of subhalos is likely to include some subhalos that have
undergone a large amount of dark matter stripping, but
Brooks et al. (2007) showed that the star formation his-
tories (SFHs), and hence stellar masses, of these simula-
tions converges only when the halo has more than ∼3500
DM particles. Hence, we then trace back the primary
progenitor halo for each of the z = 0 subhalos. To do
this, we successively identify the halo at each higher z
step that contains the most DM mass of the lower z halo.
We verified that all of our z = 0 luminous satellites have
had more than 7000 DM particles within their virial ra-
dius at some point in the halo’s history, ensuring that
their stellar masses are robust to resolution effects. We
exclude bright, Magellanic-like satellites with MV < −15
from this analysis, which removes from each simulation
one bright satellite. However, we make no cut on satellite
morphology at z = 0, so that the final list of subhalos
includes both gas-free and gas-rich satellites.
Table 1 lists some of the properties of the satellites

studied in this paper. We note that h258 has 13 lumi-
nous satellites and h277 has 7 satellites, despite their
similar halo masses. This demonstrates that the number
of satellites (and particularly the number of highest mass
satellites) is very stochastic at a fixed parent halo mass
(Vera-Ciro et al. 2012; Sawala et al. 2012).

Fig. 1.— The satellite luminosity function for our two simulated
galaxies compared to the Milky Way and M31 satellite luminosity
functions. The simulated luminosity functions contain all satellites
listed in Table 1.

The orbital evolution of every satellite was traced with
respect to the parent halo. Although some satellites may
enter the virial radius of the parent halo and exit again,
we identify the infall redshift as the time at which the
satellite first enters the parent halo’s virial radius. The
infall times are listed in Table 1, and in all cases the
infall redshift is at z < 3 (see also Zentner & Bullock
2003; Geen et al. 2012).
Figure 1 shows the satellite luminosity functions for

our two simulated galaxies compared to that of the Milky
Way and M31. The simulation luminosity functions in-
clude both gas-free and gas-rich satellites. The MW and
M31 luminosity functions include all satellites fainter
than MV = −15, including Sagittarius and Canis Ma-
jor in the case of the MW, as compiled in McConnachie
(2012). Our simulated gas-free satellite sample spans
the luminosity range of the Milky Way’s classical dwarf
spheroidals, −13.3 < MV < −8.8, from Fornax to
Canes Venatici I (MV = −13.4 and −8.6, respectively,
McConnachie 2012).
We stress that no attempt was made to explicitly

match the classical dSph luminosity range, although our
final sample does. Instead, the deposition of SN en-
ergy combined with H2-based star formation was im-
plemented to reproduce the stellar mass of the parent
halo at the given halo mass. While past simulations
have overproduced stellar mass at a given halo mass
(Zolotov et al. 2009; Guo et al. 2010; Sawala et al. 2011;
Brooks et al. 2011; Leitner 2012), it has been suggested
that restricting star formation to depend on the mass
in molecular gas (rather than total gas mass) will alle-
viate this problem, particularly at high z where metal-
licities are low and formation of H2 on dust grains
is reduced (Robertson & Kravtsov 2008; Gnedin et al.
2009; Gnedin & Kravtsov 2010; Krumholz & Dekel 2011;

Zolotov et al. 2012; and see Read et al. 2006; Penarrubia et al. 2010 
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Katz & Gunn 1991; Dubinski 1994; Debattista et al. 2008; Read et al. 2009

‘Dark disc’No baryons With baryons

Figure 4: Including baryons in the cosmological simulations alters the predictions
for ρdm. Left & Middle: Adding dissipative baryonic matter causes the dark
matter halo to contract and change shape, becoming oblate and aligned with the
disc at least out to ∼ 10 disc scale lengths. The left plot shows projected density
contours of a Milky Way-mass dark matter halo from a cosmological simulation
(Read et al., 2009) in the absence of baryons, which is triaxial (i.e. has no sym-
metry axis). The middle plot shows the same simulation run including baryonic
physics (the approximate size of the disc that is in the x − y plane is marked
by the red horizontal line). The dotted lines show density contours for the dark
matter accreted from the four most massive satellites. Right: The presence of a
massive disc at high redshift biases the accretion of satellites causing their tidal
debris – both stars and dark matter – to settle into a rotating disc. This plot
shows the ratio of the density of this ‘dark disc’ to the halo density at the solar
neighbourhood, for a series of controlled simulations where a satellite of the mass
of the Large Magellanic Cloud (LMC) or four times larger than this (LLMC) were
merged with the Milky Way with different inclination angles, as marked. Notice
that it is the low inclination mergers (LMC-10◦ and LLMC-10◦) that contribute
most to the ‘dark disc’, as expected. Plot adapted from data presented in Read
et al. (2008).

This above makes hunting for the gravitational effect of dark matter near
the Sun rather like looking for the proverbial needle in the haystack. This
is one motivation for using extrapolations from larger scales where the dark
matter dominates the potential. It leads to a trade-off between moving away
from the Solar neighbourhood to see more dark matter, and minimising the
number of assumptions that must go in to the method. I discuss this further
in §3.

14

Shape change

A composite image of the dark matter disk (red contours) and the Atlas Image mosaic of the Milky Way obtained as part of the Two Micron All Sky Survey (2MASS), a joint project 
of the University of Massachusetts and the Infrared Processing and Analysis Center/California Institute of Technology, funded by the National Aeronautics and Space Administration 
and the National Science Foundation. Credit: J. Read & O. Agertz. 

Dark discs

Lake 1989; Read et al. 2008/9
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Katz & Gunn 1991; Dubinski 1994; Debattista et al. 2008; Read et al. 2009
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Dark discs

Lake 1989; Read et al. 2008/9
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Conclusions

• Cold Dark Matter “DM-only” simulations are well converged across 
different codes ➟ excellent match to large scale structure 

• WDM simulations are more problematic, but solutions are on the way ... 
watch this space! 

• Including models for baryons in the Universe can significantly alter the 
results from structure formation simulations: 

• Triaxial “halos” ➟ Oblate/round halos.

• Cuspy dark matter profiles ➟ Cored dark matter profiles.

• Cored halos are more easily tidally disrupted ➟ Fewer satellites.

• An existing stellar disc ➟ An accreted “dark disc”.

• Simulations are rapidly improving and have passed a critical resolution 
threshold ➟ expect more predictive simulations including baryons soon!


